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• 標準モデル (Hayashi et al. 1981)

• ダストの付着成長
• 微惑星 (~ km サイズ) の形成
• 惑星集積, 巨大惑星のガス降着
• 円盤ガスの晴れ上がり
• 微惑星形成後は比較的良く
分かっている (らしい)

• 重力で合体成長
• 脱出速度 > 100 m s-1

• ガス抵抗の影響小

• 微惑星以前が大問題

惑星系の形成過程



微惑星形成以前の原始惑星系円盤
• 降着円盤 (Lynden-Bell, 1969)

• 円盤物質が内側へ輸送
• 角運動量は外側へ
• “異常” 粘性の存在
• 乱流状態 (MRI 由来)

• 固体成分 (ダスト) の分離
• 衝突合体による成長
• ガス抵抗による落下
• 蒸発, 再凝縮
• 惑星系形成の初期状態を決定
• ガス・ダスト面密度, 温度, etc. 

• 惑星材料物質の組成分布
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Fig. 2.— Build-up of the SED of a flaring protoplanetary

disk and the origin of various components: the near-infrared

bump comes from the inner rim, the infrared dust features

from the warm surface layer, and the underlying continuum

from the deeper (cooler) disk regions. Typically the near-

and mid-infrared emission comes from small radii, while

the far-infrared comes from the outer disk regions. The

(sub-)millimeter emission mostly comes from the midplane

of the outer disk. Scattering is not included here.

Fig. 2). Themain portion of the energy is emitted in a wave-

length range depending on the minimum and maximum

temperature of the dust in the disk. We call this the “ener-

getic domain” of the SED, which typically ranges from 1.5

µm to about 100 µm. At shorter wavelength the SED turns
over into the “Wien domain”. At longer wavelengths the

SED turns over into the ”Rayleigh-Jeans domain”, a steep,

nearly powerlaw profile with a slope depending on grain

properties and disk optical depth (see chapter by Natta et

al.). Differences in disk geometry are mainly reflected in

the energetic domain of the SED, while the submm and mm

fluxes probe the disk mass.

3.2. A first confrontation with observations

It is quite challenging to solve the entire disk structure ac-

cording to the above principles. Early disk models were

therefore often based on strong simplifications. An exam-

ple of such a model is a perfectly flat disk being irradiated

by the star due to the star’s non-negligible size (Adams and

Shu, 1986; Friedjung, 1985). The stellar radiation impinges

onto the flat disk under an irradiation angle ϕ ! 0.4r∗/r
(with r∗ the stellar radius). Neglecting viscous dissipation,
the effective temperature of the disk is set by a balance be-

tween the irradiated flux (1/2)ϕL∗/4πr2 (with L∗ the stel-

lar luminosity) and blackbody cooling σT 4
eff , which yields

Teff ∝ r−3/4. The energetic domain of its SED therefore

has a slope of νFν ∝ νs with s = 4/3 = 1.33, which

follows from the fact that any disk with Teff ∝ r−q has

an SED slope of s = (4q − 2)/q. This steep slope arises
because most of the stellar radiation is absorbed and re-

emitted at small radii where the disk is hot. This produces

strong emission at short wavelength. The long wavelength

flux is weak because only little stellar radiation is absorbed

at large radii. Observations of CTTSs, however, show SED

slopes typically in the range s = 0.6 to 1 (Kenyon and Hart-
mann, 1995), i.e. much less steep. The SEDs of Herbig

Ae/Be stars show a similar picture, but with a somewhat

larger spread in s, though it must be kept in mind that the
determination of the slope of a bumpy SED like in Fig. 2 is

somewhat subjective. Meeus et al. (2001, henceforth M01)

divide the SEDs of Herbig Ae/Be stars into two groups:

those with strong far-infrared flux (called ‘group I’, hav-

ing slope s ! −1 ... 0.2) and those with weak far-infrared
flux (called ‘group II’, having slope s ! 0.2 ... 1). All
but the most extreme group II sources have a slope that is

clearly inconsistent with that of a flat disk. Note, at this

point, that the Meeus ‘group I’ and ‘group II’ are unrelated

to the Lada ‘class I’ and ‘class II’ classification (bothMeeus

group I and II are members of Lada class II).

A number of authors have employed another model to in-

terpret their observations of protoplanetary disks: that of a

steady accretion disk heated by viscous dissipation (Rucin-

ski et al., 1985; Bertout et al., 1988; Hillenbrand et al.,

1992). These models are based on the model by Shakura

and Sunyaev (1973). A detailed vertical structure model of

such a disk was presented by Bell et al. (1997). The lumi-

nosity of such disks, including the magnetospheric accre-

tion column, is Laccr = GM∗Ṁ/r∗. For r $ rin the

effective temperature of such disks is given by σT 4
eff =

3ṀΩ2
K/8π (with σ the Stefan-Boltzmann constant), yield-

ing an SED slope of s = 4/3, like for passive flat disks
(Lynden-Bell, 1969; see solid lines of Fig. 6). Therefore

these models are not very succesful either, except for mod-

eling very active disks like FU Orionis (FUor) outbursts

(see Bell and Lin, 1994).

3.3. Flaring disk geometry

It was recognized by Kenyon and Hartmann (1987) that a

natural explanation for the strong far-infrared flux (i.e. shal-

low SED slope) of most sources is a flaring (“bowl-shaped”)

geometry of the disk’s surface, as depicted in Fig. 2. The

flaring geometry allows the disk to capture a significant por-

tion of the stellar radiation at large radii where the disk is

cool, thereby boosting the mid- to far-infrared emission.

The flaring geometry adds an extra term to the irradiation

angle: ϕ ! 0.4 r∗/r + rd(Hs/r)/dr (Chiang and Goldre-
ich, 1997, henceforth CG97), whereHs is the height above

the midplane where the disk becomes optically thick to the

impinging stellar radiation. In the same way as for the flat

disks the thermal balance determines the Teff of the disk, but

this now depends strongly on the shape of the disk: Hs(r).
The pressure scale heightHp, on the other hand, depends on

the midplane temperature Tc byHp =
√

kTcr3/µmpGM∗
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Fig. 1.— Evolution of various disk and star quantities as a

function of time after the onset of collapse of the cloud core

(after Hueso and Guillot, 2005). Solid lines: stellar mass

(upper) and disk mass (lower). Dotted line: accretion rate

in the disk. In this model the disk is formed at t ! 0.03
Myr, causing the jump in the dotted line at this point. The

collapse phase is finished by 2 × 105 years.

itational torques within the disk will transport angular mo-

mentum to its outer regions. As a consequence of this,

most of the disk matter moves inward, adding matter to the

protostar, while some disk matter moves outward, absorb-

ing all the angular momentum (Lynden-Bell and Pringle,

1974). During its formation and evolution a disk will spread

out to several 100 AU or more (Nakamoto and Nakagawa,

1994, henceforth NN94; Hueso and Guillot, 2005, hence-

forth HG05). This spreading is only stopped when pro-

cesses such as photoevaporation (this chapter), stellar en-

counters (Scally and Clarke, 2001; Pfalzner et al., 2005) or

a binary companion (Artymowicz and Lubow, 1994) trun-

cate the disk from the outside. During the collapse phase,

which lasts a few×105 years, the accretion rate within the

disk is very high (Ṁ ∼ 10−5 – 10−6 M"/yr), but quickly
drops to Ṁ ∼ 10−7 – 10−9 M"/yr once the infall phase
is over (NN94, HG05). The optical and ultraviolet excess

observed from classical T Tauri stars (CTTSs) and Herbig

Ae/Be stars (HAeBes) confirms that this on-going accre-

tion indeed takes place (Calvet et al., 2000, and references

therein). In Fig. 1 we show the evolution of various disk

and star parameters.

2.1. Anomalous viscosity

An issue that is still a matter of debate is what consti-

tutes the viscosity required for disk accretion, particularly

after infall has ceased. Molecular viscosity is too small

to account for the observed mass accretion rates. Turbu-

lent and magnetic stresses, however, can constitute some

kind of anomalous viscosity. The magnetorotational insta-

bility (MRI), present in weakly magnetized disks, is the

most accepted mechanism to drive turbulence in disks and

transport angular momentum outwards (Balbus and Haw-

ley, 1991; Stone and Pringle, 2001; Wardle, 2004, and ref-

erences therein).

There is a disk region (0.2 < r < 4 AU, for typi-

cal CTTS disk parameters according to D’Alessio et al.,

1998) in which the ionization fraction is smaller than the

minimum value required for the MRI. Neither thermal ion-

ization (requiring a temperature higher than 1000 K), cos-

mic ray ionization (requiring a mass surface density smaller

than ∼ 100 g/cm2) (Jin, 1996; Gammie, 1996), nor X-rays

(Glassgold et al., 1997a, 1997b) are able to provide a suffi-

cient number of free electrons to have MRI operating near

the midplane. Gammie (1996) proposed a layered accretion

disk model, in which a “dead zone” is encased between two

actively accreting layers. The precise extent of this dead

zone is difficult to assess, because the number density of

free electrons depends on detailed chemistry as well as the

dust grain size distribution, since dust grains tend to capture

free electrons (Sano et al., 2000, and references therein). If

the disk dust is like the interstellar dust, the MRI should

be inhibited in large parts of the disk (Ilgner and Nelson,

2006), though this is still under debate (e.g. Semenov et al.,

2004; see chapter by Bergin et al.).

There are also other (non-magnetic) mechanisms for

anomalous viscosity, like the baroclinic instability (Klahr

and Bodenheimer, 2003) or the shear instability (Dubrulle

et al., 2005), which are still subject to some controversy

(see the recent review by Gammie and Johnson, 2005). An-

gular momentum can also be transferred by global torques,

such as through gravitational spiral waves (Tohline and

Hachisu, 1990; Laughlin and Bodenheimer, 1994; Pickett

et al., 2003 and references therein) or via global magnetic

fields threading the disk (Stehle and Spruit, 2001), possibly

with hydromagnetic winds launched along them (Blandford

and Payne, 1982; Reyes-Ruiz and Stepinski, 1996).

2.2. α-Disk models for protoplanetary disks

To avoid having to solve the problem of viscosity in

detail, but still be able to produce sensible disk mod-

els, Shakura and Sunyaev (1973) introduced the “α-
prescription”, based on dimensional arguments. In this

recipe the vertically averaged viscosity ν at radius r is writ-
ten as ν = αHpcs, where Hp is the pressure scale height

of the disk and cs is the isothermal sound speed, both eval-

uated at the disk midplane where most of the mass is con-

centrated. The parameter α summarizes the uncertainties

related to the sources of anomalous viscosity, and is often

taken to be of the order of α ! 10−2 for sufficiently ionized

disks.

From conservation of angular momentum, the mass sur-

face density Σ of a steady disk (i.e. with a constant mass

accretion rate Ṁ ), for radii much larger than the disk in-

ner radius rin, can be written as Σ(r) ≈ Ṁ/3πν. With
Hp = cs/ΩK , where ΩK is the Keplerian angular velocity,

we see that for r % rin,

Σ(r) = K
Ṁ

r3/2αTc(r)
, (1)

where Tc(r) is the midplane temperature of the disk

2

Dullemond et al. (2006)



コンドライトの重要性
• 円盤生成物を集積したまま
• 不揮発性元素組成が太陽と酷似
• 小惑星 (微惑星の生残り) の欠片  

• 軌道計算, 分光観測から
• 集積後分化 (融解) していない 

• コンドライトの構成物質
• コンドリュール (~ mm の顆粒)

• 自由空間中でメルトが固化 

• 難揮発性包有物 (CAI, AOA)

• 4567 Ma に形成, 高温凝縮物
• Fe-Ni 合金
• マトリックス (ガラス)

Allende 隕石
(CV コンドライト)



コンドライト物質の酸素同位体比
• なぜ酸素同位体に注目 ?

• 豊富な元素存在度
• 全元素中 3 位, 固体中で最多
• 円盤環境下, 様々な形態で存在
• トレーサーとして最適
• CAI : 非常に 16O に富む
• コンドリュール : 地球に類似

• 非質量依存分別
• 蒸発, 凝縮, 化学反応では不可
• 16O-rich, -poor な物質の混合
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17,18O に富む
氷を纏ったダスト

snow line

17,18O に富む
水蒸気

シリケイト
ダスト

H2O 濃集起源説 (Yurimoto & Kuramoto, 2004)

• 分子雲における光化学過程によ
り, 16O に乏しい H2O 形成
• 氷を纏ったダストがガス抵抗に
より動径落下
• 内惑星領域で蒸発, 濃集

~ 2 Myr, 数倍の濃集が必要
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残された課題

• ダストサイズの決定機構
• H2O 濃集の度合, 持続時間
は氷ダストのサイズに依存

• 観測, 理論との整合性
• 降着される円盤と太陽系の
物質分布の差 
(Kitamura et al. 2002)

• 微惑星形成は可能か ? 500 AU 中心星からの距離 (AU)
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本研究の目的
• ダストサイズを決定した過程の考察
• 付着確率の衝突速度依存性
• H2O 氷とシリケイトの付着特性の差

• H2O 濃集過程のシミュレーション
• 現実的な円盤環境下で実現される濃集の度合, 
持続時間
• コンドライト物質と整合的か ?

• 観測される円盤と最小質量モデルの相違, 
微惑星形成過程への示唆



円盤ガス中でのダスト運動
• ダストは圧力勾配を感じない
ため, ガスとは異なる速度で
運動しようとする

• ガス抵抗により, 結局ある
終端速度で運動
• < 10 cm ... Epstein 則
• > 10 cm ... Stokes 則

• ダスト層の典型的厚さ
• 乱流による巻き上げと
沈殿の釣合により決定

• ダスト間に相対速度が生まれ
ることにより, 衝突合体し成長
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2 流体近似 (Nakagawa et al. 1986) 
を用いて計算 



ダストの付着確率の衝突速度依存性
• “付着限界速度” が存在 

(Blum & Wurm 2000)

• これ以上の衝突速度では
付着確率が急激に減少
• ~ 1 µm の SiO2 粒子 : ~ 1 m s-1 

• 付着成長で達しうるダスト
サイズに上限を課す
• 衝突速度は成長に伴い増加

• 限界速度がダスト組成に依存
(Chokshi et al. 1993)

• 氷の限界速度はシリケイトに
比べ 1 桁程度大きい
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FIG. 3.ÈSEM pictures of the two silica dust samples

FIG. 4.ÈSize distributions of the two samples of silica spheres

than the indentations based on purely elastic deformation
upon impact with m s~1 (Hertz 1882). This impliesv

i
º 1

that the contact occurs not only at the tips of the asperities
but throughout the entire region given by the contact
theory.

The particles have typical properties of preplanetary
grains : (1) the micron size is characteristic for preplanetary
dust ; (2) the particles consist of abundant elements (Si and
O) of the solids in space, and, due to the similarity to sili-
cates, this material represents properties of an important
class of preplanetary matter ; and (3) the particles were pro-
duced in a supersaturated liquid where a chemical reaction
deposited the molecules on the surface. In contrast toSiO2producing the particles from bulk material (e.g., milling),
this process and the condensational growth of the pre-
planetary grains have the molecular deposition in common.
Thus, we expect similarities concerning surface roughness
and shape between preplanetary dust grains and the silica
spheres used in our analogous experiments. As targets, pol-
ished Ñat silica surfaces and the oxidized surface of an atom-
ically smooth silicon wafer were used (see Table 1). In order
to simulate particle-particle interactions, the targets corre-
spond to the particle materials and surfaces in many
respects. The silica target and the oxidized surface of the
silicon wafer consist of the same material as the impacting
particles. Moreover, the silica target and the monospheres
are both amorphous. A few experiments were carried out
with 1.2 km silica spheres and a silica target which both
were coated with a hydrophobic layer of dimethyl-
dimethoxysilane to detect a possible[(CH3)2Si(OCH3)2]
inÑuence of or other adsorbed molecule layers on theH2O
surfaces. All dust samples were kept dry under room tem-
perature, and all Ñat surfaces of the silica target and the
silicon wafer were cleaned with alcohol and, subsequently,
dried with pressurized air.
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impact velocity. For each collision velocity, the sticking
probability was calculated by sliding averaging in groups.
The groups consisted of 11 collision events for the smallest
and largest velocities, respectively and of up to 71 collision
events for the intermediate velocities, thus accounting for
the uneven velocity distribution of the impacts. The upper
and lower standard deviations (^1 p) for the sticking prob-
ability are presented in Figure 6. Since this procedure
cannot be applied to the slowest and to the fastest collisions,
the sticking probability among the 11 slowest and the 11
fastest collisions is separately given as a constant value in
the corresponding velocity interval ; additionally, the out-
comes of theses collisions are marked according to the way
used in Figure 5. For our measurements, we deÐne the
capture velocity as the velocity where the ^1 p limits ofv

cthe sticking probability are 0.5. Such a deÐnition results in a
physically meaningful quantity only if the sticking probabil-
ity behaves similar to a step function. For the 1.2 km diam-
eter spheres, we Ðnd m s~1 on both targets, andv

c
\ 1.1È1.3

for the 0.5 km diameter spheres impacting the silicon wafer,
the capture velocity is m s~1. In contrast tov

c
\ 1.5È2.3

these impacts, the collisions between the 0.5 km silica
spheres and the silica target show a relatively Ñat sticking
probability with an average value of 0.13 and a statistically
signiÐcant local maximum at 1.9 m s~1 collision velocity. In
this case, it makes no sense to speak of a capture velocity.

For the 1.2 km silica spheres, we have also performed
collision experiments with tilted silica targets. Figure 7a
shows the data points on the collisional outcome plotted
over the absolute value of the impact velocity (not over the
vertical component of the impact velocity as in all other
Ðgures). The experiments covered impact angles from 0¡ to
60¡. It can be seen that, within statistical uncertainties, the
velocity limit between sticking and bouncing is no function
of the impact angle for impact angles smaller than 60¡. The
low number of sticking collisions for the very high impact
angles of 50¡È60¡ is an artifact caused by limitations of the
particle trajectory observation close to the target. As we will
see below, the rebound angle may di†er signiÐcantly from
the impact angle, which may lead to a hidden trajectory in
case of rebound. We only included data of sticking colli-
sions into the diagram when it was certain that there was no
hidden rebounding trajectory. This, of course, results in a
selection e†ect overrepresenting rebounding collisions. The
assumption of an impact angle-independent capture veloc-
ity is supported by the fact that the lower velocity limit for
which bouncing collisions were observed is also indepen-
dent of the impact angle.

Figure 7b shows the impact angles and the corresponding
rebound angles of the 1.2 km particles impacting polished
silica. Due to the trajectory imaging method, the indicated
impact and rebound angles are two-dimensional projec-

(a) (b)

(c) (d)

FIG. 6.ÈSticking probability as a function of impact velocity for silica spheres of (a) 1.2 km diameter impacting polished silica, (b) 1.2 km diameter
impacting a silicon wafer, (c) 0.5 km diameter impacting polished silica, and (d) 0.5 km diameter impacting the silicon wafer. The two solid lines in each plot
denote the upper and lower 1 p uncertainty limit for the sticking probability. Additionally for the slowest and fastest collisions, the average values of the
sticking probability is shown as a constant value with each single collision marked in the way introduced in Fig. 5.
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ダストサイズの決定機構
• 大きなダストが微小なダスト
を掃き集めて成長
• 微小ダストはガスと同期
• 衝突速度 ≒ 

    大きなダストの沈殿速度

• 衝突速度 = 付着限界速度
で成長停止

• 典型的ダストサイズを表す
• 成長時間 << 落下時間
• 大きなダストが質量の
大部分を占有
(Weidenschilling 1998)
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円盤物質の再配置過程
• 円盤ガスの輸送方程式

• 固体成分 i (シリケイト, H2O) の固気相における輸送方程式

• 乱流粘性: α-model (Shakura & Sunyaev, 1973)

• ダストの動径速度 : 最大ダストサイズのもので代表
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円盤温度分布
• 乱流の強さ, ダスト動径速度, 
蒸発領域の位置を決定

• 有効温度 : 粘性散逸 + 
   中心星照射とバランス

• 中心面温度
• 平行平板近似により計算

• Cassen (1994) の吸収係数, 
ダスト/ガス比の変化を考慮
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用いる円盤パラメータ
• CTTS の観測に基づいて決定

(Kitamura et al. 2002, 　
McCaughrean & O’Dell 1996)

Σg(r) ! 1000 ×
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結果 : ダストの大きさ

• t = 0 のスナップショット

• snow line で組成が変化
• 内側 : シリケイト
• 外側 : + H2O 氷マントル

• シリケイトダスト
• 限界速度 0.1~1 m s-1 で, 
コンドリュール質量
• 実験値と同程度

• 氷を纏ったダスト
• 半径, 落下速度が 1 桁大
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結果 : 固体成分の面密度分布の進化

• 円盤外縁領域
• ダスト落下により時間と
ともに縮小, 面密度減少

• 惑星形成領域 (< 50 AU)

• 外縁領域から固体物質が
供給, 面密度増大
• 惑星形成に必要な固体量
が保持
• 面密度分布のベキは急に
なる傾向
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結果 : H2O, シリケイト成分の濃度分布

• H2O 濃度
• 内惑星領域で 2 Myr 間
太陽組成の数倍濃集
• 酸素同位体異常の H2O 
濃集起源モデルと合致

• シリケイト成分の濃度
• サイズが小さいためガス
と分離せず濃集
• snow line の内側で, 
ダスト/ガス比 : ~ 0.1
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まとめ

• 氷を纏ったダストによる内惑星領域への H2O, 
シリケイトの供給
• 酸素同位体組成を説明するのに適当なダスト落下
• タイムスケール ~ 2 Myr, 数倍の H2O 濃集
• シリケイトも濃集することにより, 高いダスト/ガス比

• 観測される円盤と太陽系の固体分布の差
• ダストの存在領域が数 Myr かけて徐々に収縮
• 外縁領域からの固体の供給により, 分布のベキが急化


